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Abstract
The present paper is the first one of a series of papers that present the
new united theory of planet formation, which includes magneto-rotational
instability and porous aggregation of solid particles in a consistent way. We
here describe the “tandem” planet formation regime, in which a solar system
like planetary systems are likely to be produced.
We have obtained a steady-state, 1-D model of the accretion disk of a
protostar taking into account the magneto-rotational instability (MRI). We
find that the disk is divided into an outer turbulent region (OTR), a MRI
suppressed region (MSR), and an inner turbulent region (ITR). The outer
turbulent region is fully turbulent because of MRI. However, in the range,
rout(= 8 − 60 AU) from the central star, MRI is suppressed around the
midplane of the gas disk and a quiet area without turbulence appears, because
the degree of ionization of gas becomes low enough. The disk becomes fully
turbulent again in the range rin(= 0.2 − 1 AU), which is called the inner
turbulent region, because the midplane temperature become high enough
(> 1000 K) due to gravitational energy release.
Planetesimals are formed through gravitational instability at the outer
and inner MRI fronts (the boundaries between the MRI suppressed region
(MSR) and the outer and inner turbuent regions), because of the radial
concentration of the solid particles. At the outer MRI front, icy particles
grow through low-velocity collisions into porous aggregates with low densities
(down to ∼ 10−5 g cm−3). They eventually undergo gravitational instability
to form icy planetesimals.
On the other hand, rocky particles accumulate at the inner MRI front,
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since their drift velocities turn outward due to the local maximum in gas
pressure. They undergo gravitational instability in a sub-disk of pebbles
to form rocky planetesimals at the inner MRI front. They are likely to be
volatile-free because of the high temperature (> 1000 K) at this formation
site. Such water-free rocky particles may explain the formation of enstatite
chondrites, of which the Earth is likely to be primarily composed of.
Our new proposed tandem planet formation regime shows that planetes-
imals are formed at two distinct sites (outer and inner edges of the MRI
suppressed region). The former is likely to be the source of outer gas gi-
ants and the latter inner rocky planets. The tandem regime is consistent
with the ABEL model, in which the Earth was initially formed as a com-
pletely volatile-free planet. The water and other volatile elements came later
through the accretion of icy particles by the occasional scatterings in the
outer regions.
The tandem regime also explains the gap in the distribution of solid com-
ponents (2-4 AU), which is necessary to form a“solar-system-like” planetary
system, which has a relatively small Mars and a very small mass in the main
asteroid belt .
We found that this tandem regime dose not take place when the vertical
magnetic field of the disk five times weaker compared with that we assumed
in the present paper, since the outer MRI front shift outward beyond 100
AU. This suggests that yet other regimes exists in our united theory. It
may explain the variation observed in exsoplanetary systems by variations
in magnetic field and probably angular momentum of the parent molecular
cloud.
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1. Introduction
Planets are believed to be formed in a proto-planetary gas disk around
a newly born star by the gravitational collapse of a dense molecular cloud
(e.g., Bouvier et al., 2007). The spectacular growth of solid particles covers
40 orders of magnitude in mass (10−10 − 1030 g). The standard scenario of
planet formation was first systematically described by Safranov (1969) and
extended by C. Hayashi and his colleagues (e.g., Hayashi et al., 1985), as well
as many researchers (Goldreich and Ward, 1973; Weidenschilling, 1977a,b;
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Wetherill and Stewart, 1989). The main stream of the standard model is
divided into the following steps:
1. Submicron or micron-sized interstellar dust grains grow into cm-sized
pebbles through mutual collisions and resulting chemical bonding and
electrostatic forces, and gradually settle to the midplane of the disk
to form a sub-disk of densely concentrated pebbles (Weidenschilling,
1977a,b; Nakagawa et al., 1981; Hayashi, 1981; Hayashi et al., 1985).
2. The pebbles further grow into planetesimals by collisional sticking and
then undergo gravitational instability (Safranov, 1969; Hayashi, 1972;
Goldreich and Ward, 1973; Weidenschilling and Cuzzi, 1993).
3. Gravity of planetesimals, with kilometer or larger sizes, becomes strong
enough to retain collision fragments, leading to Moon-sized protoplan-
ets through mutual collisions by gravitational interaction (Nakagawa
et al., 1981; Wetherill and Stewart, 1989).
4. The system of the protoplanets evolves as a gravitational N-body sys-
tem through gravitational interaction and occasional giant impacts
among them (Kokubo and Ida, 2012). The protoplanets, which reach
the critical mass for trapping gas before the disappearance of gas in the
protoplanetary disk, become gas giants (Mizuno, 1980; Pollack et al.,
1996), otherwise become terrestrial planets (Chambers and Wetherill,
1998) without thick gas envelopes.
The major assumptions of the standard model are:
Assumption A: Turbulence had diminished in the protoplanetary nebula
when particle growth began.
Assumption B: Planetesimals formed through gravitational instability in
a sub-disk of densely concentrated pebbles.
Assumption C: Solid particles did not move considerably in radius after
their sedimentation.
Assumption D: Planetesimals grew through their mutual collisions.
However, all four assumptions are challenged by recent detailed studies.
First, Assumption A may not be true, since Balbus and Hawley (1991) and
Hawley and Balbus (1991) found that Magneto-Rotational Instability can ex-
cite turbulence in the accretion disk and probably also in the protoplanetary
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nebulae (Sano and Miyama, 1999; Sano et al., 2000), if the ionization degree
is high enough.
Second, contrary to Assumption B, gravitational instability does not
take place, since the sink-down motion toward the midplane terminates well
before the onset of gravitational instability (Goldreich and Ward, 1973; Wei-
denschilling, 1977a,b; Cuzzi et al., 1993; Champney et al., 1995). When the
density of the solid particles dominates over that of gas, i.e., ρp > ρ, shear
turbulence is driven by the velocity difference between the inside (particle
dominated) and outside (gas dominated) parts of the sub-disk. The particles
tend to rotate slower than Kepler velocity , vK, by ηvK (η ∼ 10−3) due to the
pressure gradient in the disk. In such a situation, the gravitational instabil-
ity can take place only when the density of particles becomes high enough
through the radial migration of the particles (Sekiya, 1998; Youdin and Shu,
2002), at least by a factor of four (Brauer et al., 2008).
Third, contrary to Assumption C, viable radial motion of solid compo-
nents is expected in the protoplanetary disk (Whipple, 1972; Adachi et al.,
1976; Weidenschilling, 1977a) reported that solid particles move considerably
inward, since the gas in a disk moves slightly sub-Keplerian due to a radial
pressure gradient. For this reason, the solid particles, which move with near-
Keplerian velocity, face a continuous headwind of gas. Hence, the particles
lose their angular momentum due to the drag force between gas and dust
particles. The range in timescale of inward migration is as short as 102− 103
yrs. The solid particles eventually drift into the inner evaporation zone near
the central star and are lost from planetesimal formation (drift barrier).
In addition, solid particles are also difficult to grow beyond meter-size
because of the disruption by high-velocity impacts (fragmentation bar-
rier; Blum et al., 1998; Poppe et al., 1999; Blum and Wurm, 2000). Wada
et al. (2009) estimated the critical velocity of ∼ 60m s−1 for icy particles
and ∼ 1m s−1 for silicate (rocky) particles, based on the theory of ballistic
cluster-cluster aggregation (BCCA). On the other hand, the relative veloc-
ity of particles of meter-sized bodies in a protostellar disk can be more than
30m s−1 (Adachi et al., 1976; Weidenschilling, 1977a; Markiewicz et al., 1991;
Weidenschilling and Cuzzi, 1993; Dominik et al., 2007; Blum and Wurm,
2008). In addition, considering the minimum-mass solar nebula model of
Hayashi (1981), the radial inward velocity of solid particles reaches 50m s−1,
owing to coupling with disk gas (Adachi et al., 1976; Weidenschilling and
Cuzzi, 1993; Suyama et al., 2008). Yet, the collision velocity could be even
higher due to gas turbulence. For example, strong gas turbulence expressed
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by the standard α model with α = 0.01 leads to velocity up to ∼ 100m s−1.
Furthermore, protoplanets (or gas-giant cores) larger than the mass of the
Earth are rapidly removed from the disk due to the outward migration by the
gravitational torque from the gas disk (Goldreich and Tremaine, 1979, 1980;
Lin and Papaloizou, 1979; Tanaka et al., 2002). The migration timescale is
as short as 105 yr for the case of Earth-sized protoplanets.
Finally, the growth through mutual collisions of the planetesimals (As-
sumption D) is found to be too slow for gas and icy planets, if the saturation
of runaway growth is taken into account (Wetherill and Stewart, 1989; Ida
and Makino, 1992a,b, 1993). The column density of the solid component
must be several times higher than the minimum-mass solar nebula (MMSN)
to match the timing of gas dissipation around ∼ 1 − 10Myr (Pollack et al.,
1996).
In summary, the standard model is invalid and alternative models have
yet to be proposed until now. Although, many individual ideas are proposed
to overcome one of the difficulties, there still is no overarching solution or
picture to explain the formation process of planets or planetary systems.
Perhaps this is because it is exceedingly challenging for one person to cover
the varied yet multiple aspects of physics in order to follow all of the processes
involved in particle growth from sub-micron dust to gas giants ranging 15
orders of magnitudes in radius
Some investigators have proposed their ideas to solve problems based on
one or two assumptions. In the case of Assumption A, for example, MRI
can be inactive near the midplane in the region r < 10 AU because of a
very low degree of ionization (x < 10−13), as has been pointed by many
previous studies (e.g., Gammie, 1996; Sano et al., 2000). In other words,
a quiet area without turbulence appears around the midplane. In such a
quiet area, solid particles can grow with low-velocity collisions (< 10m s−1)
. Furthermore, recent numerical simulations suggest that the turbulence
completely disappears even near the surface, where the degree of ionization
is high, if taken into account both the ambipolar diffusion and the Hall effect
(Simon et al., 2013a,b; Bai and Stone, 2013a,b, 2014; Bai, 2013, 2015; Lesur
et al., 2014; Kunz and Lesur, 2013).
In addition, in the case of Assumption B, Okuzumi et al. (2012) found
that low-velocity collisions form porous aggregations with low density (ρ <
10−2 − 10−5 g cm−3), instead of compact particles with ∼ 1 g cm−3, if the
impact energy is lower than the threshold energy, Eroll, determined by mate-
rial properties (Blum and Wurm, 2000; Suyama et al., 2008; Okuzumi et al.,
5
2009). Suyama et al. (2008) found that the density of such a porous aggrega-
tion does not change even if the collision has higher energy than Eroll based
on numerical simulations. Because of the relatively low density of the porous
aggregations, their in-spiral velocity can be low enough to stay in the disk
for a long time.
Yet in the case of Assumption C, several authors pointed out that a
real accretion disk contains density discontinuities at the water sublimation
zone (Kretke and Lin, 2007) and at the outer edge of an MRI inactive zone
(Daisaka et al., 2006; Masset et al., 2006; Matsumura et al., 2007). At these
locations, the torques cause outward type-I migration, which generate traps
for migrating embryos.
Furthermore, Ormel and Klahr (2010); Lambrechts and Johansen (2012)
proposed that the accretion of pebbles with size of 1-100 cm can be high
enough to corroborate Assumption D, since they rapidly loose their excess
energy and angular momentum through the interaction with gas. Indeed,
substantial amounts of solid particles are expected to be mostly in the form
of pebbles (Lambrechts and Johansen, 2012). Although it is likely to help the
formation of gas giants and icy planets (Neptune and Uranus; Lambrechts
and Johansen (2014)), the formation of terrestrial planets is unclear. In fact,
according to the simulation of planet formation by Kretke and Levison (2014),
hundreds of Mars- and Earth-mass objects between 4-10 AU are formed,
instead of several giant planet cores larger than 10 Earth-mass, which are
necessary to capture gas to become a gas giant. Such a system is not likely
to be a planetary system similar to our solar system. Although Levison
et al. (2015) found that this difficulty would overcome if pebbles formation
continued in the disk during 107 yrs, though any reasons of the continued
formation of pebbles are not known.
Hansen (2009) assumed a narrow annulus composed of 400 planetesimals
between 0.7 and 1.0 AU for the planetesimal-growth stage to construct a
planet system similar to the solar system. The total mass of the planetesi-
mals in the torus is set to be 2 Earth masses, and the corresponding average-
column density is about 10 times higher than that of MMSN model. They
found that four terrestrial planets are produced just like our solar system
in most cases. In order to explain this rather artificial distribution of plan-
etesimals, Walsh et al. (2011) and Walsh and Morbidelli (2011) used outer
gas planets, Jupiter and Saturn. They assumed that Jupiter first forms with
subsequent migration inward down to 1.5-2 AU. Then, Saturn grows and mi-
grates to be eventually locked in 2:3 resonance with Jupiter. The resonated
6
pair of the planets migrates outward back to 5 and 7 AU. Jupiter directs
planetesimals inward by gravitational scattering to form a narrow torus of
planetesimals around 1 AU. This model, named the “Grand Tack Model”,
has become popular, though it is theoretically uncertain how Jupiter can be
made in the outer solar system, where planetesimal growth is slow. Further-
more, “Grand Tack Model” has a difficulty to clean-up the inner region than
0.7 AU, where the solid component also shows a significant deficit.
In addition, many exoplanets (2041 planets as of 6 January 2015;
http://exoplanet.eu/catalog/) have been discovered through observational
techniques (e.g., Udry and Santos (2007)), revealing that planetary systems
have much greater variety than previously thought before their discover-
ies. Ida and Lin (2004a,b, 2005, 2007); Ida and Lin (2008) have performed
systematic study with the standard model through a series of population-
synthesis simulations, finding that the planetary mass (Mp)-semi-major axis
(a) distribution observed from exoplanetary systems can be reproduced, if
“type I migration reduction factor”, C1, would be as small as 0.03 − 0.1.
Unfortunately, the real number of C1 is not known yet, though many differ-
ent formulas have been produced for various situations (Paardekooper and
Papaloizou, 2008, 2009a,b; Paardekooper et al., 2010, 2011; Paardekooper,
2014).
In this work, we have constructed a steady-state, 1-D model of accre-
tion disk around a newly born star, based on the α-model of accretion disk
(Shakura and Sunyaev, 1973) with a given accretion rate M˙ ranging from
10−6.5−10−8.0 M⊙ yr−1. In young stellar objects, M˙ decreases with a timescale
of ∼ 106 yrs. It allows us to explore a wider parameter of space compared
with the models restricted to MMSN. In addition, we take into account
of magneto-rotational instability (Balbus and Hawley, 1991; Hawley and
Balbus, 1991) and porous aggregation of solid particles (Okuzumi et al.,
2012; Kataoka et al., 2013) as well as the ionization of thermal excitation
inside of the disk. The thermal ionization of the alkali metal atoms such as
potassium (K) and sodium (Na) become important when the temperature
raises above 1000 K (Pneuman and Mitchell, 1965; Umebayashi and Nakano,
1981, 1988). The cosmic rays penetrate deep inside the gas disk, contribute
to the ionization of the gas along with the ionizing radiation of radioactive
nuclei in the gas (Umebayashi and Nakano, 2009).
We found that the disk consists of three regions: Outer Turbulent Region
(OTR: r > rout), MRI suppressed region (MSR: rin < r < rout), and Inner
Turbulent Region (ITR: rA < r < rin; see figure 1). The OTR outside of
7
 ✁
✂
✄
☎
✆
✝
✞
✟
✠
✡
☛
☞
✡
✌
✍
✎
✏
✑
✒
✓
✔
✕
✓
✖
✗
✘
✙
✚
✛
✜
✢
✣
✤
✢
✥
✦
✧
★
✩
✪
✫
✬
✭
✫
✮
✯
✰
✱
✲
✳✴✵✶✷✸✹✺ ✻✷✼✽
✺✷✶✸✾✴✼ ✿✸✴✾
❀✹❁❂✼✴✾ ❃❂❄
✿✸✷✼✼✴✾ ❄✹✶✽
❅❆
❁
❇
❂✸❂✶✿
❅❆
❁
❇
❂✸❂✶✿
❈
✸✷✼✼✴✾
❉
✴✵✶✷✸❂✿❁
❇
✷✾✷
❊
✶✶✷✾
❋●
✾❀
●
✼✷✶✸
❍
✷✵✹❂✶
❊
✶✶✷✾
❋●
✾❀
●
✼✷✶✸
❍
✷✵✹❂✶
■●
✸✷✾
❋●
✾❀
●
✼✷✶✸
❍
✷✵✹❂✶
❁
❇
❂✸❂✷
❏
✴❁❂✾✴✸✹❂✶❁
❇
❂✸❂✷
❏
✴❁❂✾✴✸✹❂✶
✵✴✿ ❃❂❄
❁✴✾✸✹✺✼✷ ✳❂✸✹❂✶
❉❍❊ ❊
✶✴✺✸✹
❏
✷
❍
✷✵✹❂✶
❑▲▼◆❖ P◗❘❙❚❯▲▼❚❱❲
❳❱❲◆ ❨❑P❳❩
❑▲▼◆❖ P◗❘❙❚❯▲▼❚❱❲
❳❱❲◆ ❨❑P❳❩
❬❭❪❫❴ ❵❛❫❵
❬❭❪❫❴ ❵❛❫❵
❬❭❪❫❴ ❵❛❫❵
❬❭❪❫❴ ❵❛❫❵
❜
❝
❞
❡
❝
❢
❣
❤
❜
❣
❤
✐
❣
❢
❥
❦
❣
❧
♠
♥
♦
♠
♣
q
r
❧
q
r
s
q
♣t
✉
q
✈
✇
✈
①②
✹✶✶✷✾
❉❍❊
③✾❂✶✸
✈
④⑤⑥
❂
●
✸✷✾
❉❍❊
③✾❂✶✸
✈
✇
⑦✼③
❏
✷✶ ✾✴✽✹
●
✿
Figure 1: Schematic cross section of the structure of the protoplanetary disk proposed in
the present paper. See text for detail.
rout (∼ 8− 60AU) is fully turbulent due to Magneto-Rotational Instability,
which is generally believed to be a major source of turbulent viscosity in the
accretion disk (Sano et al., 2000). However, in r < rout, a quiet area without
turbulence appears around the midplane of the gas disk, since the ionization
degree is so low that MRI is suppressed. It is sandwiched by turbulent
envelopes, where the degree of ionization remains high enough due to the
comic rays. The disk becomes fully turbulent (Balbus and Hawley, 2000)
again around r = rin (∼ 0.2−1AU), and the inner turbulent region initiates,
because the midplane temperature becomes high enough (> 1000 K) through
gravitational energy release to ionize alkali (K and Na) atoms (Pneuman and
Mitchell, 1965; Umebayashi and Nakano, 1981, 1988). The inner turbulent
region continues to the Alfven radius (rA = 0.01−0.03AU), where the stellar
magnetic field is strong enough to truncate the gas disk. Such a three-region
structure is consistent with the view of the recent comprehensive review
by Armitage (2011). The quiet area (QA) is the most interesting in the
context of planetesimal formation (figure 2). We found that planetesimals
are formed at two distinct areas around the outer (r ∼ rout) and inner MRI
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Figure 2: At the outer and inner boundaries of the quiet area (the outer and inner MRI
fronts), solid particles are accumulated to form icy and rocky planetesimals, respectively.
In the water sublimation zone (WSZ), icy porous aggregations are altered and compacted
to dense clay minerals.
fronts (r ∼ rin), as we will explain later in the present paper in detail. The
gas giants and ice planets are likely to be made in the former, while the
terrestrial planets in the latter. First, porous icy aggregations can grow as
shown by Okuzumi et al. (2012). We found that they reach 1027g ∼ M⊕ and
beyond within a million years at the outer MRI front.
On the other hand, rocky planetesimals are formed around the inner MRI
front, since the drift velocity of pebbles changes the direction from inward
to outward, because of the positive pressure gradient ∂P/∂r respect to r.
Pebbles are trapped and accumulated around rin, and undergo gravitational
instability to form km-sized planetesimals (Johansen et al., 2006; Johansen
et al., 2007; Johansen and Youdin, 2007; Johansen et al., 2009; Johansen and
Lacerda, 2010; Johansen et al., 2011; Lambrechts and Johansen, 2014; Chat-
terjee and Tan, 2014, 2015). These planetesimals can grow further through
the accretion of pebbles (Ormel and Klahr, 2010; Lambrechts and Johansen,
2012, 2014). The pebbles and planetesimals can remain there for a long time,
since they are trapped by outward torques due to a positive density gradient,
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which always exists there (Kato et al., 2009, 2010), while gas steadily spirals
inward towards the central star.
In summary, we have successfully constructed a qualitative model of plan-
etesimal formation overcoming difficulties presented above. We name it the
tandem planet formation regime, since there are two distinct sights of the
planetary formation in the disk.
The tandem planet formation regime is important to form a planet fos-
tering life, like the Earth. First, Maruyama and Ebisuzaki (2016, private
communication) suggested that the Earth was born as a naked planet with-
out water/volatiles. Interestingly enough, the plenetesimals formed in the
inner MRI front are completely volatile free in the tandem regime, since the
site of the inner planetesimal formation is as hot as 1000-1300 K and phys-
ically separated from those of ice-rich planetesimals. On the other hand,
in the previous models, planetesimals are formed continuously in the entire
region (0.5-20 AU) of the gas disk, so that the mixing of the materials is
inevitable. Only the tandem planet formation is, therefore, consistent with
the view that Earth was born as a naked planet. Second, Ebisuzaki and
Maruyama (2016, private communication) noted that rich uranium ores can
drive a natural nuclear reactor to produce organic materials after water was
seeded on the Earth through the late heavy bombardment of volatile-rich
asteroids. Furthermore, the phosphate-bearing minerals produced through
the reductive and completely dry conditions of the Hadean Earth (such as
schreibersite: Fe3P) can react actively with water to supply phosphate in a
biologically-active form. Finally, the tandem planet formation is consistent
with the concept of Habitable Trinity (Dohm and Maruyama, 2015), in which
the amount of water at the surface of the Earth must be at a sufficient level
to foster life; three essentials (Habitable Trinity) for life, i.e. atmosphere,
ocean, and landmass interacting due to Sun-driven hydrological cycling.
The present paper is the first paper of a series that describe a new over-
arching framework of planetary formation. Hear we explain tandem planet
formation regime in which a solar system like planetary systems are likely
formed. In the following, we begin by describing the assumptions of our
model (Section 2). This is followed by details of the structure and evolution
of the protoplanetary disk based on the results of a 1-D accretion model (Sec-
tion 3) and a planetesimal-formation mechanism (Section 4). Our results are
then compared with those of other models and observations (Section 5).
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2. Model and Assumptions
Protoplanetary disks are geometrically thin, with the disk thickness being
much smaller than the radius r from the central star. In such a case, the disk
can be approximated by an 1-D model, characterized by z-integrated value,
such as Σ (= 2
∫
∞
0
ρdz) and midplane temperature (and density). Here, the
vertical-density profile (z-) is assumed to be the Gaussian function with the
scale height of H, i.e., ρ ∝ exp(−(z/2H)2).
2.1. Steady State Model of 1D gas disk
The time evolution of the column density Σ is described by:
∂Σ
∂t
=
1
2πr
∂M˙
∂r
, (1)
where M˙ is the mass accretion rate (positive for inward accretion). For the
steady-state case, i.e., ∂/∂t = 0, we obtain
∂M˙
∂r
= 0. (2)
The mass accretion rate is expressed as:
M˙ = −2πrΣvr = 6πr1/2
∂
∂r
(Σνr1/2) = const., (3)
where vr is the radial velocity of the gas in the disk, and ν is the disc viscosity.
In the α disk assumption (Shakura and Sunyaev, 1973), the viscosity is given
as:
ν = α¯csH, (4)
where H = cs/Ω is the vertical scale height of the disk, cs is the isothermal
sound velocity, and Ω is the Keplarian orbital frequency. These are given by:
H = cs/Ω =
(
kBTmr
3
µmHGM∗
)1/2
= 5.0× 1011
(
Tm
280K
)1/2 ( r
AU
)3/2
cm (5)
cs =
(
kBTm
µmH
)1/2
= 9.9× 104
(
Tm
280K
)1/2
cm s−1 (6)
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Ω =
(
GM∗
r3
)1/2
= 1.99× 10−7
( r
AU
)−3/2
s−1, (7)
where Tm is the midplane temperature of the disk, kB is the Boltzmann
constant, µ = 2.34 is the mean molecular weight of gas, mH is the mass of
an hydrogen atom, G is the gravitational constant, and M∗ is the mass of
the central star. In the calculation, the gas disk is represented by 8000 cells
equally divided from the stellar surface (R∗ = 3R⊙ = 0.014 AU) to 100AU
in log radial space.
2.2. Midplane Temperature
Taking into account of the gravitational energy release, the midplane
temperature Tm is given by (Hubeny, 1990; Kretke and Lin, 2007):
T 4m =
(
3M˙Ω2
8πσ
)(
3
8
τ +
√
3
4
)
+ T 4irr, (8)
where σ and τ are respectively the Stefan-Boltzmann constant and the optical
depth at the midplane (see subsection 2.4). Here, Tirr is the irradiation
temperature given by:
T 4irr =
1
2
(1− ǫ)T 4
∗
(
R∗
r
)2 [
4
3π
(
R∗
r
)
+
2
7
H
r
]
, (9)
where ǫ = 0.5 is the disk albedo (Coleman and Nelson, 2014), T∗ = 4000K
is the stellar temperature, and R∗ = 3R⊙ is the stellar radius, respectively.
The equation 8 is solved by iteration.
2.3. Onset Condition of Magneto-Rotational Instability (MRI)
The magneto-rotational instability takes place when Elsasser number Λ
is larger than unity (Jin, 1996; Sano and Miyama, 1999; Turner et al., 2007).
It is defined as:
Λ =
V 2A,z
ηOΩ
=
2
βZ
cs
ηO
H = 2.6× 10−1
( x
10−12
)( βZ
100
)−1 (
Tm
280K
)1/2 ( r
AU
)3/2
,
(10)
where ηO = 2.34× 10
3(T/100K)1/2x−1cm2 s−1 is the Ohmic resistivity (Sano
et al., 2000), VA,z is the z-component of Alfven wave velocity, and βZ =
2c2s/V
2
A,z. We determine z-averaged α-value, α¯, depending on Λ as:
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α¯ =
{
αact for Λ > 1 (MRI active)
αinact for Λ < 1 (MRI inactive),
(11)
where we adopted αact as 1.0× 10
−2, according as the numerical MHD simu-
lations of planetary disks (Davis et al., 2010; Shi et al., 2010). As for αinact,
we use γαact. Here γ is the reduction factor of turbulance due to the suppres-
sion of MRI, taking into account of the quiet area without turbulence around
the midplane. In the MRI inactive region, the disk is composed of a quiet
area and two turbulent envelopes. The former is turbulent free, while the
latter are fully turbulent, referred to as “layered accretion” (e.g., Gammie,
1996; Sano et al., 2000). Here, we assume γ = 10−0.5 ≃ 0.316 for the entire
MRI inactive region, though γ has not yet been constrained well. In fact,
the recent numerical simulations suggest that the turbulence in MRI inactive
regions completely disappear if we take into account the ambipolar diffusion
and the Hall effect (Simon et al., 2013a,b; Bai and Stone, 2013a,b, 2014; Bai,
2013, 2015; Lesur et al., 2014; Kunz and Lesur, 2013). In such a case, γ can
be as small as 10−5. Even in such a case, the choice of γ does not change the
onset condition of MRI, which is mainly determined by αact, though αinact
determines the column density in the MRI inactive region.
The ionization degree x is evaluated as:
x = max(xth, xi), (12)
where xth is the ionization degree determined by thermal equilibrium, and xi
is that determined by the ionization equilibrium. First, xth is calculated as:
xth = n
−1/2
n
(
2πmekBTm
h2
)3/4 [
f
1/2
K exp
(
− EK
2kBTm
)
+ f
1/2
Na exp
(
− ENa
2kBTm
)]
,
(13)
for the case that the density and the temperature of the gas are sufficiently
high, where local thermal equilibrium condition is satisfied, and the ion-
ization degree is determined by the Saha equation (e.g., Balbus and Hawley,
2000). Here, h is the Plank constant, and nn is the number density of neutral
molecules,
nn =
Σ√
2πHµmH
. (14)
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We adopted the following ionization energy and the abundance of alkali met-
als:
EK = 4.341 eV, fK = 1.35× 10
−7,
ENa = 5.139 eV, fNa = 2.06× 10
−6.
(15)
On the other hand, xi is calculated by (Okuzumi, 2009):
xi =
αpnp
2αgnn
(√
1 +
4αgµnn
α2pn
2
p
ζ − 1
)
, (16)
assuming ionization equilibrium, in which the ionization rate ζ and the re-
combination rate χ are balanced (Pneuman and Mitchell, 1965; Umebayashi
and Nakano, 1988; Umebayashi and Nakano, 2009). Here, αp and αg are the
recombination coefficients respectively in solid particles and in gas, which
will be given later. The number density np of solid particles is given by:
np =
3Σf¯p√
32π3Ha¯3pρ¯i
, (17)
where a¯p = 10µm is the radius of particle, and f¯p and ρ¯i are respectively the
particle fraction in mass and the internal density of the particles. Here, we
assume that ρ¯i = 1.0 g cm
−3 for T < 150 K, 2.0 g cm−3 for 180 < T < 1380
K, and 0 g cm−3 for T > 1380 K, and f¯p = 1.0×10
−2 for T < 150 K, 2.5×10−3
for 180 < T < 1380 K, and 0 for T > 1380 K (Hayashi, 1981; Hayashi
et al., 1985). They are linearly interpolated in the water sublimitation zone
(150 < T < 180 K).
Here, we do not take into account the particle growth in the structure of
the gas disk for simplicity. It is justified by the fact that the BCCA growth
of porous aggregation does not change the properties of the solid particles in
the respect to recombination and that the disk always comprises a turbulent
area in which particle growth is likely to be insignificant.
According to Umebayashi and Nakano (2009), the ionization rate (galactic
cosmic rays, radionuclides, and thermal ionization) at the midplane of the
disk is calculated as:
ζ = 2ζCR(0)
[
1 +
(
Σ
2Σp,10GeV
)3/4]−4/3
exp
(
− Σ
2Σp,10GeV
)
+ ζRN+ ζth, (18)
where Σp,10GeV = 96 g cm
−2 is the range of the 10GeV protons for hydrogen
gas, ζCR is the ionization rate due to galactic cosmic rays (1.0 × 10
−17 s−1),
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and ζRN is the ionization rate due to radionuclides (7.6× 10
−19 s−1 for short-
lived nuclides and 1.4×10−22 s−1 for long-lived nuclides). When the midplane
temperature is higher than 1000 K, the thermal ionization process becomes
important. The thermal ionization rate, due to potassium and sodium, is
given by ζth = ζth,K + ζth,Na. These rates are estimated as:
ζth,Na = πa
2
NafNann
(
8kBTm
piµmH
)1/2
exp
(
− ENa
kBTm
)
(19)
ζth,K = πa
2
KfKnn
(
8kBTm
piµmH
)1/2
exp
(
− EK
kBTm
)
, (20)
where we use
aNa = 0.116 nm, and aK = 0.152 nm. (21)
The rate coefficient αp of the recombination on the surface of a particle
is calculated as:
αp = (1− y)πa¯2pvi. (22)
Here, vi = (8kBTm/πmi)
1/2 is the thermal velocities of ions, and the coefficient
y can be obtained when the charge Z of the solid particle satisfies the ordinary
differential equation (Okuzumi, 2009):
dZ
dt
= πa¯2p
[
vi(1−
q2Z
a¯pkBTm
)− veexp(
q2Z
a¯pkBTm
)
]
, (23)
where ve = (8kBTm/πme)
1/2 is the thermal velocities of electrons. The charge
equilibrium of the solid particles is established when:
vi(1−
q2Z
a¯pkBTm
)− veexp(
q2Z
a¯pkBTm
) = 0. (24)
Then the equation of (vi/ve)(1−y) = ey has a solution of y = q
2Z
a¯pkBTm
∼ −2.8,
when vi/ve =
√
me/mi = 1.65× 10
−2.
The recombination coefficient αg in gas can be approximated by that of
dissociative recombination (McCall et al., 2004):
αg = 6.7× 10
−8
(
Tm
300K
)−1/2
cm3 s−1. (25)
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2.4. Optical Depth
Optical depth τ is given by:
τ =
{
κ(Tm)Σ/2 for MRI active
κ(Tm)ΣTE/2 for MRI inactive,
(26)
where ΣTE = γΣ is the column density of the turbulent envelopes in the
MRI inactive region. We adopted the opacity formula of Stepinski (1998) as
shown in figure 3.
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Figure 3: The opacity of the disk is adopted from Stepinski (1998). Hatched area represents
water sublimation zone (WSZ).
2.5. Vertical Magnetic Field
For steady-state, vertical magnetic field Bz can be calculated as (Okuzumi
et al., 2014):
Bz =
2πD
c
Kφ, (27)
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where the dimensionless coefficient D is defined as:
D = − 2∫ H
−H
(vr/ηm)dz
, (28)
where ηm is the magnetic diffusivity (resistivity). Here, Kφ is the electric
current integrated over the disk:
Kφ =
∫ H
−H
Jφdz =
c
2π
Brs −
c
4π
∂
∂r
∫ H
−H
Bzdz. (29)
Here, Brs = Br|z=H(= −Br|z=−H) is the radial field strength on the disk
surface. The coefficient D is evaluated as:
D ∼ ηm
vrH
, (30)
where vr = α¯c
2
s/(rΩ) is the radial gas velocity. We assume that the turbulent
(macroscopic) diffusivity ηturb dominates over the microscopic diffusivity ηmol
in the entire region of the disk surface, in which case:
ηm = ηturb. (31)
The turbulent diffusivity is obtained by (Lazarian and Vishniac, 1999):
ηturb ∼ vturbLinj ∼
√
α¯csξλmax, (32)
where Linj = ξλmax is the typical length of magnetic reconnection in the
turbulence and λmax = 2πvA,z/Ω is the wavelength which gives the maximum
growth rate of MRI (Balbus and Hawley, 1991).
Substituting equations 31 and 32 into equation 30, then D is evaluated
as:
D =
8
3
πξ
(
2
α¯βz
)1/2 ( r
H
)
. (33)
Okuzumi et al. (2014) obtained the numerical solution of Bz distribution
and found that Bz is approximated by the power law function of r, i.e. r
νB .
The index νB is about -2 for the case of D ≪ 1 and νB = 0 for D ≫ 1.
Therefore, we may assume νB = −2/(1 +D). In other words,
dlnBz
dln r
= − 2
1 +D
. (34)
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The value of ξ depends on the nature of the magnetic turbulence, which
is not well constrained, except that it takes a small value in well-developed
turbulence. Here, we inwardly integrate equation 34 from Bz = 3.4 × 10
−4
G at 100 AU, assuming ξ ∼ 3 × 10−3 = const. It is consistent with the
canonical value of the interstellar magnetic field (∼ 10−6 G, e.g., Crutcher,
2012), if we taking into account the conservation of the magnetic flux in
nebular contraction. The magnetic field reaches 102 G at the inner most
edge of the gas disk, which is also consistent of the photospheric magnetic
field of T Tauri stars (Bouvier et al., 2007).
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Figure 4: The vertical magnetic field Bz and βz are plotted against the distance from the
central star.
2.6. Alfven Radius
The gas disk is truncated by the magnetic field of the central star at the
Alfven radius rA, where magnetic pressure (B
2/4π) is equal to the rotational
stress of the disk (ρmvKvr). It is calculated as:
rA =
(
µ4
∗
GM∗M˙2
)1/7
, (35)
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where µ∗ is the magnetic dipole moment of the central star (Shang et al.,
2000).
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Figure 5: Radial profile of the column density Σ of the gas in the disk for M˙ =
10−6.5, 10−7.0, 10−7.5, and 10−8.0M⊙ yr
−1. A disk is divided into an outer turbulent region
(OTR), an MRI suppressed region (MSR), and an inner turbulent region (ITR). In the
MRI inactive region (MSR), the column density is ∼ √γ times higher than the turbulent
regions (OTR and ITR) because of the
√
γ times lower value of α¯. The black dots denote
Alfven radii, where the disk is truncated by the stellar magnetic field.
3. Disk Structure
Figure 5 shows the radial profiles of the column density Σ for different
accretion rates (M˙ = 10−6.5, 10−7.0, 10−7.5, and 10−8.0 M⊙ yr
−1). The disk
can be divided into outer and inner turbulent regions (OTR and ITR), and
an MRI suppressed region (MSR) (see also figures 1 and 5). As can be seen
in figure 6, in the region rin < r < rout, both Λact and Λinact are less than
unity, so that MRI is suppressed in the midplane of the disk. In figure 4, we
plot vertical magnetic field Bz and βz against distance from the central star.
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3.1. Outer Turbulent region: OTR
Outer most region (Outer Turbulent Region: r > rout = 8 ∼ 60 AU) is
fully turbulent due to MRI: The ionization by cosmic rays and radioactive
nuclei keep gas ionized enough to activate MRI.
3.2. MRI Suppressed Region: MSR
MRI is suppressed in the MRI suppressed Region (MSR), which is lo-
cated between the outer and inner turbulent regions (OTR and ITR). MSR
is vertically divided into three layers: the turbulent envelopes, the quiet area,
and the sub-disk of pebbles. The surface is covered by two fully turbulent
envelopes (figure 1), where the ionization degree is kept high enough to acti-
vate MRI. The gas flows inward through the turbulent envelopes (i.e., layered
accretion: Gammie, 1996; Sano et al., 2000). A quiet area (QA) without tur-
bulence appears near the midplane deep in the disk, where the ionization
degree is low. The solid particles settle down to a relatively thin sub-disk of
pebbles, as discussed later in section 4.
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Figure 6: Radial profile of Λact (for MRI active) and Λinact (for MRI inactive) in the
midplane of the steady-state solution of the protoplanetary disk with the accretion rate
of M˙ = 10−7.0 M⊙ yr
−1. MRI is active if Λ > 1, otherwise inactive. We adopted a solid
curve to construct the disk structures.
MRI suppressed region terminates when the midplane temperature raises
higher than 1000 K: Thermal ionization becomes dominant rather than those
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of cosmic rays and radioactive nuclei. As a result, the Elsasser number
increases rapidly, and once again reaches unity (figure 6).
3.3. Inner Turbulent Region: ITR
In addition to the outer turbulent region, there exists another fully tur-
bulent region (inner turbulent region: r < rin = 0.2 − 1 AU), where the
temperature of the midplane is high enough to activate MRI again because
of thermal ionization of alkali metal atoms (Na and K). The disk is eventually
truncated by the stellar magnetic field at Alfven radius (rA = 0.01 − 0.03
AU).
4. Tandem Planet Formation
We found that the outer and inner MRI fronts (rout and rin) are the sites
for planetesimal formation in the disk structure as described in the previous
section (see also figure 2). In the present section, we discuss the growth of
particles in the steady-state structure Σ(r), Tm(r), ρm(r), H(r), cs(r), Ω(r),
H(r), and f¯p(r) of the disk with an accretion rate of M˙ = 10
−7.0 M⊙ yr
−1.
4.1. Particle Growth in a Tandem Disk
4.1.1. Lagrangian Superparticles
In order to describe how the particles grow in the disk, we define a La-
grangian superparticle with three quantities (rp,k , zp,k , mp,k ). Here, k is
the superparticle index, rp,k the distance from the central star, zp,k the
the scale height of the z-distribution of the particles, and mp,k the aver-
age mass of the particles that included in the superparticle. The total mass
of particle associated to the superparticle k, is defined as Mp,k (t = 0) =
πrs,k(rs,k+1 − rs,k−1)Σ(rs,k )f¯p(rs,k), where rs,k = rp,k (t = 0) is the starting
radius of the superparticle.
The particle column density (r = rp,k ), the particle density at the mid-
plane (r = rp,k , z = 0), and the particle density at the particle scale height
(r = rp,k , z = zp,k), are calculated by:
Σp,k =
Mp,k
2πrp,k∆rp,k
f¯p(rp,k )
f¯p(rs,k)
, (36)
ρpm,k =
Σp,k√
2πzp,k
, (37)
ρp,k = 0.6065ρpm,k . (38)
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The thickness of the superparticle in radius is
∆rp,k =
rp,k+ − rp,k−
2
, (39)
where rp,k+ and rp,k− are the outer and inner nearest particles of the particle
k, respectively. The similar Lagrangian approach for the particle growth was
proposed recently by (Krijt et al., 2015).
The three quantities are calculated by three ordinary differential equa-
tions:
drp,k
dt
= −vrp,k , , (40)
dzp,k
dt
= −vzp,k for zp,k > Hpe,k , (41)
zp,k = Hpe,k for zp,k < Hpe,k , (42)
dmp,k
dt
= m˙p,k , (43)
where vrp,k is the radial particle velocity by hydro-dynamical interactions
with gas, vzp,k is the particle settling velocity, and Hpe,k is the particle scale
height in equilibrium given by Youdin and Lithwick (2007):
Hpe,k = H(rp,k )
(
1 +
Ωk ts,k
αD,k
)− 1
2
(
1 +
Ωk ts,k
Ωk ts,k + 1
)− 1
2
, (44)
and Ωk = Ω(rp,k ). The ordinary differential equations 43 are solved by the
Euler method with the time increment ∆t:
∆t = min
(
0.05
∆rp,k
|vrp,k |
, 0.5
mp,k
m˙p,k
)
. (45)
The particle motion in the above gas disk is followed by 25 superparti-
cles, which are distributed in logarithmically equal spacing from r = rin to
r =100AU at t = 0.
The particle growth rate, m˙p,k, the radial drift velocity, vrp.k, the vertical
settling velocity vzp,k, and the escape velocity from the particle, vesc,k, are
given by:
m˙p,k = πa
2
p,kρp(rp,k )vrel,pp,k
(
1 +
v2esc,k
v2rel,pp,k
)
(46)
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vrp,k =
2Ωk ts,k
1 + (Ωk ts,k )2
ηkrp,kΩk + vrKH,k , (47)
vzp,k =
Ωk ts,k
1 + Ωk ts,k
zp,kΩk , (48)
vesc,k =
√
2Gmp,k
ap,k
, (49)
where ηk = −12
[
c2s
r2Ω2
∂ log(ρmTm)
∂ log r
]
k
, and the particle radius ap,k is calculated
by the particle internal density ρi,k for a given mass mp,k as:
ap,k =
(
3mp,k
4πρi,k
)1/3
. (50)
The particle stopping time ts,k (equation 64), and the relative particle-
particle relative velocity vrel,pp,k (equation 66) are given, later. The second
term of equation (47) represents the radial drift velocity due to the turbulence
by Kelvin-Helmholtz instability in the subdisk. It is given by:
vrKH,k =


2αD,kρm(rp,k )cs(rp,k)
2
Σp,kΩkRe∗
for ρpm,k > ρm,k ,
0 for ρpm,k < ρm,k ,
(51)
where Re∗ = 55 (Cuzzi et al., 1993) and the vertical diffusion parameter αD,k
is given in equation (73). Finally, the particle drift timescale and the particle
growth timescale can be defined as:
τdrift,k =
rp,k
|vrp,k |
, (52)
τgrow,k =
mp,k
m˙p,k
. (53)
When two superparticles k and k′ become closer each other than max (Hk/2, Hk′/2),
the superparticle k′ is merged into the superparticle k, where mp,k > mp,k ′ .
The new superparticle k is created at the center of gravity between k and k′,
in other words:
mnewp,k = max(mp,k ,mp,k ′), (54)
Mnewp,k = Mp,k +Mp,k ′ , (55)
rnewp,k = (Mp,krp,k +Mp,k ′rp,k ′)/M
new
p,k , (56)
knew+ = max(k, k
′) + 1, (57)
knew
−
= min(k, k′)− 1. (58)
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Here, it is worth noting that the artificial shift of the boundaries between
merging particles and inner and outer nearest particles by the equation 39
is not significant in the particular cases discussed in the present paper, since
their merging always takes place when a superparticle drifts inward for a large
distance to merge the inner superparticle, leaving the outer superparticle, in
which solid particles did not yet grow enough to drift down.
4.1.2. Internal Density and Stopping Time
In the rocky region, where Tm > 180 K, we assume: ρi,k = ρrock =
2 g cm−3. On the other hand, in the icy region, Tm < 150 K, ρi,k is given by:
ρi,k = ρice = min[max( ρBCCA,k , ρcoll,k , ρgas,k , ρG,k ), ρ0]. (59)
Here, ρBCCA,k , ρcoll,k , ρgas,k , ρG,k , and ρ0 are given below following Kataoka
et al. (2013) and Okuzumi et al. (2012). In the intermediate temperature,
where 150K < Tm < 180 K, ρi,k is linearly interpolated from ρrock and ρice.
First, when the impact energy of particle-particle collision, Eimp,k =
mp,kv
2
rel,pp,k/4, is less than the rolling energy of two contacting monomers,
Eroll = 4.74 × 10
−9 erg, the particles grow by the hit-and-stick mode. This
is called the BCCA particle and is consisted of many monomers with the
radius a0 ∼ 0.1µm and the density ρ0 ∼ 1 g cm−3. The internal density of
the BCCA particle decreases with m
−1/2
p,k as:
ρBCCA,k =
(
mp,k
m0
)− 1
2
ρ0, (60)
where m0 = 4πa
3
0ρ0/3 is the monomer mass.
Second, when the impact energy exceeds the rolling energy, the particles
are compressed by particle-particle collisions. The internal density in such
collisional-compression phase
is expressed as (Suyama et al., 2008, 2012):
ρcoll,k =
1√
2
(
3
5
)3/2 (m0v2rel,pp,k
0.60Eroll
)3/10 (
mp,k
m0
)−1/5
ρ0. (61)
Third, when the gas pressure is dominant, the internal density is given
by:
ρgas,k =
(
a30mp,kvrel,pg,k
πa2p,k ts,kEroll,k
) 1
3
ρ0, (62)
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where vrel,pg,k is the relative velocity between particle and gas, which is given
later in equation (76).
Finally when the self gravitational force of the particle is dominant:
ρG,k =
(
Gm2p,ka
3
0
πa4p,kEroll
) 1
3
ρ0. (63)
The particle stopping time is calculated as:
ts,k =
2mp,k
πa2p,kCD,kρkvrel,pg,k
, (64)
where
CD,k =


8
3
vth,k
vrel,pg,k
for Epsetein Drag Regime,
6
vth,k
vrel,pg,k
λmfp,k
ap,k
for Stokes Drag Regime,
0.44 for Newton Drag Regime .
(65)
Here, ρk, vth,k , and λmfp,k are the gas density, the thermal velocity, and the
mean free path of the gas molecule at r = rp,k , z = zp,k , respectively.
4.1.3. Relative Velocity
The particle-particle relative velocity, vrel,pp,k , is given by the sum of
Brownian motion vB,k , radial drift difference vrpp,k , azimuthal drift differ-
ence vφpp,k , vertical settling difference vzpp,k , turbulent velocity vturb,pp,k , and
viscous stirring velocity vVS,k as:
vrel,pp,k =
√
v2B,k + v
2
rpp,k + v
2
φpp,k + v
2
zpp,k + v
2
turb,pp,k + v
2
VS,k , (66)
where:
vB,k =
√
16
π
kBTm(rp,k )
mp,k
, (67)
vrpp,k =
(
2Ωk ts,k
1 + (Ωk ts,k )2
− 2(0.5Ωk ts,k )
1 + (0.5Ωk ts,k)2
)
ηkrp,kΩk , (68)
vφpp,k = −
(
(Ωkts,k)
2
1 + (Ωkts,k )2
− (0.5Ωkts,k)
2
1 + (0.5Ωkts,k)2
)
ηkrp,kΩk, (69)
and
vzpp,k =
(
Ωk ts,k
1 + Ωk ts,k
− 0.5Ωk ts,k
1 + 0.5Ωk ts,k
)
zp,kΩk . (70)
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The turbulent velocity between two particles is (Ormel and Cuzzi, 2007):
vturb,pp,k =
√
αD,kcs(rp,k )×


Re
1
4
t,kΩk|0.5ts,k |, for Ωkts,k < Ωktη,k ,√
2Ωkts,k for Ωktη,k < Ωkts,k < 1,√
1
1+Ωkts,k
+ 1
1+0.5Ωkts,k
for 1 < Ωkts,k ,
(71)
where non-dimensional turnover time of the smallest eddy is expressed as
Ωktη,k = Re
−1/2
t,k . This estimate indicates that the representative particle-
particle velocity is comparable to the relative velocity between two different
particles with ts and 0.5ts. This choice of factor 0.5 is consistent with the
recent work by Sato et al. (2015).
The turbulent Reynolds number is given by:
Ret,k =
2αD,kcs(rp,k )
2
Ωkλmfp,kvth,k
, (72)
where the viscous parameter αD,k is given by:
αD,k =


α¯ for turbulent region,
0 for ρpm,k < ρm,k in quiet area,
0.19
(
ηkrp,k
H(rp,k )
)2
min(Ωkts,k , 1) for ρpm,k > ρm,k in quiet area,
(73)
depending on the turbulent state. Here, we adopt the criterion of ρpm,k > ρm,k
for the activation of Kelvin–Helmholtz instability in the quiet area. We use
the formula of viscous parameter by Takeuchi et al. (2012) slightly modified
as scaled as min(Ωkts,k , 1) instead of Ωkts,k . Here, we take into account the
mechanical decoupling between gas and particles.
After the gravitational instability takes place as described in §4.1.5, the
particles in the subdisk are gravitationally perturbed by massive bodies
(planetesimals). The equilibrium eccentricity is determined by the competi-
tion of the stirring from the massive bodies and the damping from gas drag.
According to Kobayashi et al. (2010), the equilibrium eccentricity eVS,k is
given by:
eVS,k =
(
6mp,k
2
1
3ηkπ2a2p,kCD,kρm(rp,k )rp,k
) 1
4 (
mp,k
3M⊙
) 5
12
. (74)
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Here, we assume eVS ≃ 2iVS. The viscous stirring velocity is given by:
vVS,k =
(
e2VS,k + i
2
VS,k
) 1
2 rp,kΩk =
√
5
4
eVS,krp,kΩk. (75)
On the other hand, the particle-gas relative velocity, vrel,pg,k , is calculated
as follows:
vrel,pg,k =
√
v2B,k + v
2
rpg,k + v
2
φpg,k + v
2
zpg,k + v
2
turb,pg,k + v
2
VS,k , (76)
where:
vrpg,k =
2Ωk ts,k
1 + (Ωk ts,k )2
ηkrp,kΩk (77)
vφpg,k = −
(Ωkts,k )
2
1 + (Ωkts,k)2
ηkrp,kΩk (78)
and
vzpg,k =
Ωk ts,k
1 + Ωk ts,k
zp,kΩk . (79)
The turbulent velocity between particle and gas is (Ormel and Cuzzi, 2007):
vturb,pg,k =
√
αD,kcs(rp,k )×


Re
1
4
t,kΩk|ts,k |, for Ωkts,k < Ωktη,k ,√
3Ωkts,k for Ωktη,k < Ωkts,k < 1,√
1
1+Ωkts,k
+ 1 for 1 < Ωkts,k .
(80)
4.1.4. Particle Fragmentation
When the high velocity collision occurs, the particle is fragmented rather
than coagulate. The fragmentation velocity, vfrag,k , is set 60m s
−1 in the icy
region (Wada et al., 2009). In the rocky region, it becomes the size dependent
value as (Ormel and Okuzumi, 2013):
vfrag,k =
[
8
(
qsR
9µp
3−2φp
C1,k + qgR
3µp
C1,k
)] 1
3µp
, (81)
where
RC1,k =
(
3
2π
mp,k
1[g cm−3]
) 1
3
, (82)
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and qs = 500, qg = 10
−4, µp = 0.4, and φp = 7 are the fitting parameter
in cgs unit, which is given by Stewart and Leinhardt (2009) as a regime of
weak rocks. When the particle fragmentation occurs, we simply reduce the
particle mass so that the vrel,pp,k becomes vfrag,k .
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Figure 7: Probable time variation of the accretion rate, M˙ . Here, we assume the mass of
the central star to be 1M⊙ and an exponential decrease with decay times: τa = 10
6.0 yr
and 106.5 yr.
4.1.5. Formation (Gravitational Instability) and Growth of Planetesimals
The onset condition for gravitational instability is given by Yamoto and
Sekiya (2004):
ρGI,k = 0.78
M∗
r3p,k
, (83)
and the initial planetesimal mass, mplt,k is estimated using the most unstable
wavelength as:
mplt,k = λ
2
GI,kρpm,kzp,k , (84)
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where
λGI,k =
2πzp,k
0.26
. (85)
When the particle density at the midplane, ρpm,k , becomes larger than the
above critical density, ρpm,k > ρGI,k , the planetesimal with mass of mplt,k is
created by gravitational instability. We freeze the evolution of pebble after
that. Although the evolution of the planetesimals after the gravitational
instability is almost beyond the scope of the present paper, we further study
in order to know whether or not the planetesimals could grow to the Earth’s
mass (m⊕) in the environment, as follows. The growth rate of planetesimals
after the gravitational instability is calculated as
dmplt,k
dt
=
1
1.3× 105
(
Σ(rp,k )
2400 g cm−2
)2/5 (
mplt,k
M⊕
)2/3 (
ρi,k
2 g cm−3
)−3/5
×
( rp,k
1AU
)−3/5 ( Σp,k
10 g cm−2
)(
mp,k
1018 g
)−2/15 (
M⊕
1 yr
)
, (86)
(Kokubo and Ida, 2012). It is consistent with the equation 16 of Kobayashi
et al. (2010) within factor of 2 when we use the equilibrium eccentricity given
by equation 74. The migration of planetesimals is generally negligible for the
case of mplt < M⊕ in the tandem disk.
4.1.6. Initial Condition and Iteration
A new star is formed from the gravitational collapse of a dense molecular
cloud. Since its free fall time scale is ∼ 106 yrs, it is likely to take 1-2 Myr to
establish a steady-state accretion disk around the newly born star. As can
be seen in figure 7, mass accretion rate decrease down to ∼ 10−7M⊙ yr−1,
for the time scale of τa = 10
6.0 yr. Therefore, we use the disk structure with
M˙ = 10−7M⊙ yr
−1 in the present section.
In the first 1-2 Myr of the star formation, the gas inflow is expected to
be fully turbulent and the direct accretion from the z-direction is significant
compared with the accretion flux from the midplane, inside of the disk. In
such a violently turbulent disk, particles are likely to be well mixed with
gas and not to grow significantly. Therefore, we started the particle growth
calculation from various radius rs, assuming that the initial distribution of
particle is the same as that of gas, in other words, Hp,k = H(rs,k ) and that
mp = m0.
Since the equations from (47) through (82) are related each other, they are
solved iteratively to determine the various values: vrp,k , vzp,k , ts,k , Hpe,k , ap,k ,
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Figure 8: The growth of particles in a mass-radius diagram for the disk with M˙ =
10−7.0 M⊙ yr
−1. Icy planetesimals undergo runaway growth to mp ∼ 107−8 g in OTR
and drift inward to the outer MRI front (r = rout). Solid particles rapidly grow in the
quiet area with higher particle density in the turbulent-free environment leading to grav-
itational instability to form icy planetesimals at the outer MRI front (r = rout). Rocky
planetesimals are also formed at the inner MRI front (r = rin) of the quiet area, where
they are accumulated around the pressure maximum. The letters denotes the epoch of the
growth, see text in detail. Dashed lines represent growth through gravitational instability.
We stop the calculation at t = 106 yrs or the onset of gravitational instability.
vrel,pp,k , vrpp,k , vφpp,k , vzpp,k , vturb,pp,k , vrel,pg,k , vrpg,k , vφpg,k , vzpg,k , vturb,pg,k ,
vVS,k , vfrag,k , vesc,k , ρi,k , ρcoll,k , ρgas,k , ρG,k , Eimp,k , Ret,k , αD,k , and CD,k . After
obtaining these values, the evolution equations from (40) through (43) are
calculated to obtain new coordinates.
4.2. Planet Formation at the Outer MRI Front (r = rout)
Icy particles starting from outside of the outer MRI front (i.e., rs >
rout), grow through mutual collisions with low relative velocity less than
1cm/s. The resultant aggregations become porous with low density down
to 10−5 g cm−3(Okuzumi et al., 2012). Figures 8 and 9 show the evolution
of a porous aggregation in mass-density diagram and time-mass diagram,
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Figure 9: The same diagram but in a time-radius plane for the disk with M˙ =
10−7.0 M⊙ yr
−1. The superpartciles starts drifting inward one by one to merge with the
inner superpaticles at the inner and outer MRI fronts, when they reach the drift barrier
(figure 10). The letter m represents the merging events among superparticles.
starting from the point of r = 29 AU and z = H(rs = 29AU) in the steady-
state disk with M˙ = 10−7.0 M⊙ yr
−1. First, the internal density (ρi) of the
particle decreases since an aggregation grows (a to c) as a ballistic cluster-
cluster aggregate (BCCA). However, after the compression energy due to
ram pressure dominates the rolling energy of two contacting monomers, it
gradually increases (c to d).
As the aggregate mass increases, the radial drift timescale becomes shorter
than 30 times of growth timescale. This happens at point d, when the aggre-
gate mass reaches mp ∼ 108 g in the tandem disk (figures 8 and 9). Then,
the aggregates drift (d to e) into the quiet area (QA: r = rout), and sink down
towards the disk midplane to form a sub-disk of pebbles with the thickness of
Hp because of the lack of turbulence, as shown in figures 1 and 11 (Nakagawa
et al., 1986; Cuzzi et al., 1993; Schrapler and Henning, 2004). Their sink-
ing motion towards the midplane terminates when the density of the solid
particles dominates over that of gas, i.e., ρpm > ρm, because of the shear tur-
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Figure 10: The growth history of the particle starting from rs = 29AU shown in mp-ρi
diagram. Dashed line represents the growth by gravitational instability. The hatched area
represents the “drift zone”, where 30 τgrow > τdrift. The letters attached in the figures
denotes the epoch of the growth, see text in detail.
bulence driven by Kelvin-Helmholtz instability; The particle tends to rotate
in Kepler velocity, vK, while gas velocity is lower than vK by ηvK (η ∼ 10−3)
due to the pressure gradient in the disk (Youdin and Shu, 2002; Schrapler
and Henning, 2004).
At this stage, the particles are decoupled with gas, in other words, tsΩ >
1. Cuzzi et al. (1993) studied the z-distribution of particles in such a decou-
pled case both analytically and numerically, and found that the scale height
of particles of pebbles layer (subdisk) due to Kelvin-Helmholtz instability is
much shorter than that of turbulent layer, in other words, Richardson num-
ber can be arbitrary small, depending on the situation, J = g
ρ
dρ/dz
(dU/dz)2
≪ 1/4.
In fact, Chandrasekhar (1961) specially mentioned that J ≥ 1/4 is a “nec-
essary condition for stability.” The subdisk, composed of particles decoupled
with gas, can become very thin, as the particles grow and become more de-
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coupled. They eventually can undergo gravitational instability in spite of the
turbulence around the midplane (figures 8 and 9). In fact, such a solution
was obtained by Yamoto and Sekiya (2004), though they used it in a different
context. In other words, the subdisk of pebbles can undergo gravitational in-
stability without considerable particle enhancement, when the pebbles inside
it are large enough to be decoupled with gas, even if the Kelvin-Helmholtz
instability takes place around midplane. The previous authors (Sekiya, 1998;
Youdin and Shu, 2002; Schrapler and Henning, 2004) unfortunately neglected
this possibility, since they consider only the case that pebbles are well coupled
with gas.
Figures 8 and 9 show the results of the particle growth calculation in a
disk with M˙ = 10−7.0 M⊙ yr
−1. The planetesimals further grow through the
accretion of pebbles to eventually reach an Earth mass M⊕ less than 1 Myr
(Ormel and Klahr, 2010; Lambrechts and Johansen, 2012). For example, the
planetesimals formed in the superparticles with rs = 29 AU reaches to M⊕
at 9 × 105 yr, as can be seen in figure 13. The pebbles with mass of ∼ 1010
g are continuously supplied from the outer turbulent region, as can be seen
in figure 12.
4.3. Planet Formation around the Inner MRI Front (r = rin)
The particles starting from the region of the water sublimation zone r ∼
rWSZ grow through mutual collisions. Entrapped water molecules begin to
sublimate at the surfaces of the aggregates. The inclusions, such as silicate
and organic matter, are likely packed together by surface tension of water;
a liquid water phase likely takes place in the huge icy aggregations (g → h).
In the WSZ, alteration of nano-sized silica particles to clay minerals occurs
upon reaction with residual water molecules, resulting in a net increase of the
density (∼ 2 g cm−3) of the newly transformed aggregates of clay particles
(pebbles).
The aggregates continue to drift inward in the sub-disk of pebbles along
the midplane, fragmented further by the weak turbulence due to the Kelvin–
Helmholtz instability in the sub-disk of pebbles (figures 8 and 9). The inward
drift terminates at the inner MRI front (r = rin). Since the radial pressure
gradient turns to positive at the inner MRI front, a significant accumulation
of particles takes place at the front (Kato et al., 2010). Figure 12 shows
the increase in the solid-mass component mass Mp around r = rin. As the
particles accumulate and continue to grow through the accretion of pebbles
(Ormel and Klahr, 2010; Lambrechts and Johansen, 2012), they eventually
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Figure 11: The time evolution of particle mass (mp), pebbles sub-disk thickness (Hp),
particle density ρp,m at the midplane, and relative velocity vpp,rel for the particle starting
from rs = 29 AU. The letters attached in the figures denotes the epoch of the growth, see
text in detail.
undergo gravitational instability to become planetesimals. A planetesimals
reached the Earth mass M⊕ at 6 × 10
3 yrs. The pebbles with the mass of
∼ 104 g are continuously supplied from the outer areas through particle drift
(figure 12). Since the midplane temperature of the inner MRI front reaches
1000 K, the rocky planetesimals loose almost all of their volatile components.
5. Discussion and Summary
We have constructed a theoretical framework to discuss planet formation
in the accretion disk around a young stellar object. We consider the on/off
condition of Magneto-Rotational Instability through calculating the degree
of ionization in the midplane of the gas disk, finding that the accretion disk
has a quiet (i.e., non-turbulent) area in the MRI suppressed region (MSR).
The quiet area is sandwiched between the outer and inner turbulent regions.
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Figure 12: The total solid mass Mp included in the planetesimal formation (superparticles
starting from rs = 0.76, 4.7, and 29 AU) takes place through the gravitational instability.
Solid particles in the gas disk drift inward and accumulate at the boundaries
of the quiet area (the outer and inner MRI fronts). At the boundaries,
the particles are accumulated both in the radial and the vertical directions
and eventually undergo gravitational instability to form planetesimals. At
least several planetesimals are likely to grow to M⊕ both the inner MRI
fronts (for 6× 103 yrs) and the outer MRI fronts (for 9× 105 yrs). In other
words, Assumption A of the standard model is therefore supported by our
theoretical framework.
The solid particles, which accumulate at the two MRI fronts, settle down
towards the midplane to form a sub-disk of pebbles. In the sub-disk, the
density, ρp, becomes so high at both the inner and outer MRI fronts that
they undergo gravitational instability to form planetesimals. The radial con-
centration of solid particles is the key to overcoming the difficulties earlier
discussed in the standard model, particularly in regards to the two follow-
ing aspects. First, the radial drift of the pebbles assists the sub-disk to
undergo gravitational instability (Assumption B), as discussed in subsec-
tions 4.2 and 4.3, even though Kelvin-Helmholtz instability takes place in
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Figure 13: The growth of planetesimals in suparpartcles that started at rs =0.76 and 29
AU.
the midplane (Youdin and Shu, 2002). Second, the growth of planetesimals
are enhanced by a higher density of pebbles and by gas drag (so called “peb-
bles accretion”:Assumption D; Ormel and Klahr, 2010; Lambrechts and
Johansen, 2012). While Assumption C of the standard model is deter-
mined to be invalid here, our theoretical framework supports Assumptions
B and D, as described above.
The accretion rate, M˙ onto a young stellar object is likely to decrease
with time, as shown in figure 7, where we assume the mass of the central
star to be 1M⊙ and an exponential decrease with decay times: τa = 10
6 yr
and 3 × 106 yr. We find that planet cores are formed both in the outer
and inner MRI fronts in the range of M˙ = 10−8.0 − 10−6.5 M⊙ yr−1, in other
words, the tandem planet formation robustly takes place in the accretion
disk surrounding a young stellar object
The location of the MRI fronts depend on the accretion rate M˙ , as can
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Figure 14: The growth history of particles starting at rs = 4.7 AU, and rs = 0.76 AU. The
former is merged into latter at t = and mp = 0.025 Myrs.
be seen in figure 16. The radius rout of the outer MRI front locates at 60
AU for M˙ = 10−6.5M⊙ yr
−1 and at 8 AU for M˙ = 10−8.0M⊙ yr
−1, while that
rin of inner MRI front locates at 1AU for M˙ = 10
−6.5M⊙ yr
−1 and at 0.2 AU
for M˙ = 10−8.0M⊙ yr
−1. This range of rout and rin suggests that there is no
formation of planetismals in the range of 1-8 AU (figure 16). This lack of the
planetesimal formation may correspond to the gap in the solid component
distribution in the solar system around 2-4 AU, which reflects the fact that
the mass of Mars is 0.1M⊕ and the total mass in the asteroid belt is as low
as 10−3M⊕ (Weidenschilling, 1977b). Such a gap in particle distribution is
the key to reproducing a planetary system like our solar system. In fact, the
major motivation of so called “Grand Tack” model (Walsh et al., 2011; Walsh
and Morbidelli, 2011) was the formation of such a gap in the plenetesimal
distribution by tacking of gas giants, Jupiter and Saturn. They assumed that
Jupiter is first formed and migrates inward down to 1.5-2 AU. Then, Saturn
grows and migrates as well to be locked in a 2:3 resonance with Jupiter.
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Figure 15: The time evolution of particle mass (mp), sub-disk thickness (Hp), particle
density ρp,m at the midplane, and relative velocity vrel,pp for the super-particle stating
from rs = 4.7 AU and rs = 0.76 AU.
The resonated pair of the planets migrates outward back to 5 and 7 AU.
Gravitational scattering through Jupiter influences the inward migration of
planetesimals and their eventual coalescence into a narrow torus around 1
AU.
On the other hand, the tandem planet formation naturally explains such
a gap at 2-8 AU due to the tandem structure (i.e. two distinct sites) of
the accretion disk during planetesimal formation (figure 16). It is worth
noting that the model also explains the deficit of the solid component in
the inner region than 0.7 AU, where “Grand Tack Model” has a difficulty
to clean-up. In the tandem planet formation regime, on the other hand,
the gas and therefore solid particles in the inner part (r < 0.1AU) of the
disk with a low mass loss rate ∼ 10−8 M⊙ yr−1 is likely lost, while that in
the outer part (r > several AU) still remains: The photoevaporation of gas
from the disk can be as high as ∼ 10−8 M⊙ yr−1 in particular if irradiated
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from extreme ultraviolet light or X-rays (in particular, Alexander et al., 2006;
Owen et al., 2010), the disk with M˙ ∼ 10−8 M⊙ yr−1 is considerably affected
by the photoevapolation.
Furthermore, in tandem planet formation, pebbles are continuously sup-
plied from the outer regions to the two formation sites (inner and outer MRI
fronts; figures 8 and 9). This nature of the model helps to form few large
planets (≥ M⊕) instead of the hundreds of Mars-sized objects during the
formation of planets, as discovered by Levison et al. (2015).
The tandem planet formation is also compatible with the reported compo-
sitional distribution of asteroids in asteroid belts (DeMeo and Carry, 2014),
including the asteroid belt being composed of a mixture of primitive objects
and objects with thermal alternations. In the tandem planet formation, the
objects located now in asteroid belts were formed outside the main belt. In
other words, they are diffused from the outer MRI front (icy primitive chem-
ical composition) and the inner MRI front (rocky thermally metamorphosed
composition). In the later phases, they are scattered into the asteroid belts
by the gravitational interaction of large objects, like protoplanets.
Obviously, many subjects remain for future studies. Among them, disper-
sal of the gas from the disk, formation of chondrules and calcium-aluminum-
rich inclusions (CAIs), and planet migration during the latest stages of planet
formation are among the most interesting to explore, though they are beyond
the scope of this work.
The temperature in the inner most part of the gas disk is as high as
2000K, which is well above the melting temperature of silicate (chondrules)
and carcium-alminium rich inclusions (CAIs). The solid particles that melt
in the disk are eventually exposed to the radiation field of the central star
through photoevapolation during the later phase of the disk evolution. They
then interact with stellar wind to get a high outer-bound velocity. As their
distances from the central star increase, they cooled down to the melting
temperature again. Particles once melted may be recycled in the outer disk
to be calcium-aluminum rich inclusions (CAIs) or chondrules.
The last stage of planet formation in the tandem disk must be explored
taking into account the various levels of migration processes through both
population-synthesis simulations and N-body simulations to explain the va-
rieties of the exosolar planetary systems. In such a later stage, the situation
would become much complex because of many factors, such as gravitational
interaction among growing planetesimals, depletion of pebbles, the satura-
tion of planetesimal growing due to gravitational heating of planetesimals,
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Figure 16: a) The radii of the outer and inner MRI fronts(rout and rin) and the Alfven
radius (rA) are plotted against M˙ . b) The distribution of the solid components in the
solar system plotted against the distance from the Sun (Scanned and altered from Wei-
denschilling, 1977b)
and various types of planetary migrations. We are organizing such studies
based on the results of the present work, and will report in the following
papers.
We found that this tandem planet formation regime does not take place
when magnetic field of the disk considerably weaker (by a factor of 5), since
the outer MRI front shifts outward beyond 100 AU. In such a case, most
of the solid materials in the 1-100 AU drift down to the inner MRI front to
form planetesimals, unlike the case of the tandem regime, described here. We
plan to explore what happens in such a case near future. It may explain the
variation of planet distributions by the magnetic fields and angular momenta
in the parent molecular clouds.
40
6. acknowledgments
We thank Prof. S. Maruyama for his encouraging discussions and Dr.
James Dohm for the improvement of English.. This work was partially sup-
ported by Grant-in-Aid for Scientific Research on Innovative Areas Grant
Number 26106006.
References
Adachi, I., Hayashi, C., Nakazawa, K., Dec. 1976. The gas drag effect on the
elliptical motion of a solid body in the primordial solar nebula. Progress
of Theoretical Physics 56, 1756–1771.
Alexander, R. D., Clarke, C. J., Pringle, J. E., 2006. Photoevaporation of
protoplanetary discs i. hydrodynamic models. Monthly Notices of the
Royal Astronomical Society 369 (1), 216–228.
URL http://mnras.oxfordjournals.org/content/369/1/216.abstract
Armitage, P. J., Sep. 2011. Dynamics of Protoplanetary Disks. Ann. Rev.
A&Ap49, 195–236.
Bai, X.-N., 2013. Wind-driven accretion in protoplanetary disks. ii. radial
dependence and global picture. The Astrophysical Journal 772 (2), 96.
URL http://stacks.iop.org/0004-637X/772/i=2/a=96
Bai, X.-N., 2015. Hall effect controlled gas dynamics in protoplanetary disks.
ii. full 3d simulations toward the outer disk. The Astrophysical Journal
798 (2), 84.
URL http://stacks.iop.org/0004-637X/798/i=2/a=84
Bai, X.-N., Stone, J. M., 2013a. Local study of accretion disks with a strong
vertical magnetic field: Magnetorotational instability and disk outflow.
The Astrophysical Journal 767 (1), 30.
URL http://stacks.iop.org/0004-637X/767/i=1/a=30
Bai, X.-N., Stone, J. M., 2013b. Wind-driven accretion in protoplanetary
disks. i. suppression of the magnetorotational instability and launching of
the magnetocentrifugal wind. The Astrophysical Journal 769 (1), 76.
URL http://stacks.iop.org/0004-637X/769/i=1/a=76
41
Bai, X.-N., Stone, J. M., 2014. Magnetic flux concentration and zonal flows
in magnetorotational instability turbulence. The Astrophysical Journal
796 (1), 31.
URL http://stacks.iop.org/0004-637X/796/i=1/a=31
Balbus, S., Hawley, J., 2000. Solar nebula magnetohydrodynamics. Space
Science Reviews 92 (1-2), 39–54.
URL http://dx.doi.org/10.1023/A3A1005293132737
Balbus, S. A., Hawley, J. F., Jul. 1991. A powerful local shear instability
in weakly magnetized disks. I - Linear analysis. II - Nonlinear evolution.
ApJ376, 214–233.
Blum, J., Wurm, G., Jan. 2000. Experiments on Sticking, Restructuring, and
Fragmentation of Preplanetary Dust Aggregates. Icarus143, 138–146.
Blum, J., Wurm, G., Sep. 2008. The Growth Mechanisms of Macroscopic
Bodies in Protoplanetary Disks. Ann. Rev. A&Ap46, 21–56.
Blum, J., Wurm, G., Poppe, T., Heim, L.-O., Dec. 1998. Aspects of Labora-
tory Dust Aggregation with Relevance to the Formation of Planetesimals.
Earth Moon and Planets 80, 285–309.
Bouvier, J., S. H. P. Alencar, T. Boutelier, C. Dougados, Z. Balog, K.
Grankin, S. T. Hodgkin, M. A. Ibrahimov, M. Kun, T. Yu. Magakian,
C. Pinte, 2007. Magnetospheric accretion-ejection processes in the classi-
cal t tauri star aa tauri. A&A 463 (3), 1017–1028.
URL http://dx.doi.org/10.1051/0004-6361:20066021
Brauer, F., Henning, T., Dullemond, C. P., Aug. 2008. Planetesimal for-
mation near the snow line in MRI-driven turbulent protoplanetary disks.
A&Ap487, L1–L4.
Chambers, J., Wetherill, G., 1998. Making the terrestrial planets: N-body
integrations of planetary embryos in three dimensions. Icarus 136 (2), 304
– 327.
URL http://www.sciencedirect.com/science/article/pii/S0019103598960079
Champney, J. M., Dobrovolskis, A. R., Cuzzi, J. N., 1995. A numerical
turbulence model for multiphase flows in the protoplanetary nebula.
42
Physics of Fluids 7 (7), 1703–1711.
URL http://scitation.aip.org/content/aip/journal/pof2/7/7/10.1063/1.868486
Chatterjee, S., Tan, J. C., Jan. 2014. Inside-out Planet Formation. ApJ780,
53.
Chatterjee, S., Tan, J. C., Jan. 2015. Vulcan Planets: Inside-out Formation
of the Innermost Super-Earths. ApJL798, L32.
Coleman, G. A. L., Nelson, R. P., Nov. 2014. On the formation of planetary
systems via oligarchic growth in thermally evolving viscous discs. Mon.
Not. Roy. Astron. Soc.445, 479–499.
Crutcher, R. M., Sep. 2012. Magnetic Fields in Molecular Clouds. Ann. Rev.
A&Ap50, 29–63.
Cuzzi, J. N., Dobrovolskis, A. R., Champney, J. M., 1993. Particle-gas
dynamics in the midplane of a protoplanetary nebula. Icarus 106 (1), 102
– 134.
URL http://www.sciencedirect.com/science/article/pii/S0019103583711619
Daisaka, J. K., Tanaka, H., Ida, S., 2006. Orbital evolution and accretion of
protoplanets tidally interacting with a gas disk: Ii. solid surface density
evolution with type-i migration. Icarus 185 (2), 492 – 507.
URL http://www.sciencedirect.com/science/article/pii/S0019103506002363
Davis, S. W., Stone, J. M., Pessah, M. E., Apr. 2010. Sustained Magnetoro-
tational Turbulence in Local Simulations of Stratified Disks with Zero Net
Magnetic Flux. ApJ713, 52–65.
DeMeo, F. E., Carry, B., Jan. 2014. Solar System evolution from composi-
tional mapping of the asteroid belt. Nature 505, 629–634.
Dohm, J. M., Maruyama, S., 2015. Habitable trinity. Geoscience Frontiers
6 (1), 95 – 101, special Issue: Plate and plume tectonics: Numerical
simulation and seismic tomography.
URL http://www.sciencedirect.com/science/article/pii/S1674987114000267
Dominik, C., Blum, J., Cuzzi, J. N., Wurm, G., 2007. Growth of Dust as the
Initial Step Toward Planet Formation. Protostars and Planets V, 783–800.
43
Ebisuzaki, T., Maruyama, S., 2016. to be appered in special issues of ”Geo-
science Frontiers” on the origin and early evolution of the Earth and life
on the Hadean Earth.
Gammie, C. F., Jan. 1996. Layered Accretion in T Tauri Disks. ApJ457, 355.
Goldreich, P., Tremaine, S., Nov. 1979. The excitation of density waves at
the Lindblad and corotation resonances by an external potential. ApJ233,
857–871.
Goldreich, P., Tremaine, S., Oct. 1980. Disk-satellite interactions. ApJ241,
425–441.
Goldreich, P., Ward, W. R., Aug. 1973. The Formation of Planetesimals.
ApJ183, 1051–1062.
Hansen, B. M. S., 2009. Formation of the terrestrial planets from a narrow
annulus. The Astrophysical Journal 703 (1), 1131.
URL http://stacks.iop.org/0004-637X/703/i=1/a=1131
Hawley, J. F., Balbus, S. A., Jul. 1991. A Powerful Local Shear Instability
in Weakly Magnetized Disks. II. Nonlinear Evolution. ApJ376, 223.
Hayashi, C., 1972. Origin of the solar system (in japanese). In: Report of
5-th Symposium on Moon and Planets at the Institute of Space and Aero-
nautics. p. 13.
Hayashi, C., 1981. Structure of the Solar Nebula, Growth and Decay of Mag-
netic Fields and Effects of Magnetic and Turbulent Viscosities on the Neb-
ula. Progress of Theoretical Physics Supplement 70, 35–53.
Hayashi, C., Nakazawa, K., Nakagawa, Y., 1985. Formation of the solar
system. In: Black, D. C., Matthews, M. S. (Eds.), Protostars and Planets
II. pp. 1100–1153.
Hubeny, I., Mar. 1990. Vertical structure of accretion disks - A simplified
analytical model. ApJ351, 632–641.
Ida, S., Lin, D. N. C., Mar. 2004a. Toward a Deterministic Model of Planetary
Formation. I. A Desert in the Mass and Semimajor Axis Distributions of
Extrasolar Planets. ApJ604, 388–413.
44
Ida, S., Lin, D. N. C., Nov. 2004b. Toward a Deterministic Model of Planetary
Formation. II. The Formation and Retention of Gas Giant Planets around
Stars with a Range of Metallicities. ApJ616, 567–572.
Ida, S., Lin, D. N. C., Jun. 2005. Toward a Deterministic Model of Planetary
Formation. III. Mass Distribution of Short-Period Planets around Stars of
Various Masses. ApJ626, 1045–1060.
Ida, S., Lin, D. N. C., Sep. 2007. Toward a Deterministic Model of Planetary
Formation IV: Effects of Type-I Migration. ArXiv e-prints.
Ida, S., Lin, D. N. C., 2008. Toward a deterministic model of planetary forma-
tion. v. accumulation near the ice line and super-earths. The Astrophysical
Journal 685 (1), 584.
URL http://stacks.iop.org/0004-637X/685/i=1/a=584
Ida, S., Makino, J., 1992a. N-body simulation of gravitational interaction
between planetesimals and a protoplanet: I. velocity distribution of
planetesimals. Icarus 96 (1), 107 – 120.
URL http://www.sciencedirect.com/science/article/pii/001910359290008U
Ida, S., Makino, J., 1992b. N-body simulation of gravitational interaction
between planetesimals and a protoplanet ii. dynamical friction. Icarus
98 (1), 28 – 37.
URL http://www.sciencedirect.com/science/article/pii/001910359290203J
Ida, S., Makino, J., 1993. Scattering of planetesimals by a protoplanet:
Slowing down of runaway growth. Icarus 106 (1), 210 – 227.
URL http://www.sciencedirect.com/science/article/pii/S001910358371167X
Jin, L., Feb. 1996. Damping of the Shear Instability in Magnetized Disks by
Ohmic Diffusion. ApJ457, 798.
Johansen, A., Klahr, H., Henning, T., 2006. Gravoturbulent formation of
planetesimals. The Astrophysical Journal 636 (2), 1121.
URL http://stacks.iop.org/0004-637X/636/i=2/a=1121
Johansen, A., Klahr, H., Henning, Th., 2011. High-resolution simulations of
planetesimal formation in turbulent protoplanetary discs. A&A 529, A62.
URL http://dx.doi.org/10.1051/0004-6361/201015979
45
Johansen, A., Lacerda, P., May 2010. Prograde rotation of protoplanets by
accretion of pebbles in a gaseous environment. Mon. Not. Roy. Astron.
Soc.404, 475–485.
Johansen, A., Oishi, J. S., Mac Low, M.-M., Klahr, H., Henning, T., Youdin,
A., Aug. 2007. Rapid planetesimal formation in turbulent circumstellar
disks. Nature 448, 1022–1025.
Johansen, A., Youdin, A., 2007. Protoplanetary disk turbulence driven by
the streaming instability: Nonlinear saturation and particle concentration.
The Astrophysical Journal 662 (1), 627.
URL http://stacks.iop.org/0004-637X/662/i=1/a=627
Johansen, A., Youdin, A., Low, M.-M. M., 2009. Particle clumping and plan-
etesimal formation depend strongly on metallicity. The Astrophysical Jour-
nal Letters 704 (2), L75.
URL http://stacks.iop.org/1538-4357/704/i=2/a=L75
Kataoka, A., Tanaka, H., Okuzumi, S., Wada, K., 2013. Fluffy dust forms
icy planetesimals by static compression. A&Ap557, L4.
URL http://dx.doi.org/10.1051/0004-6361/201322151
Kato, M. T., Fujimoto, M., Ida, S., 2010. Dust concentration at the boundary
between steady super/sub-keplerian flow created by inhomogeneous growth
of magneto-rotational instability. The Astrophysical Journal 714 (2), 1155.
URL http://stacks.iop.org/0004-637X/714/i=2/a=1155
Kato, M. T., Nakamura, K., Tandokoro, R., Fujimoto, M., Ida, S., 2009. Mod-
ification of angular velocity by inhomogeneous magnetorotational instabil-
ity growth in protoplanetary disks. The Astrophysical Journal 691 (2),
1697.
URL http://stacks.iop.org/0004-637X/691/i=2/a=1697
Kobayashi, H., Tanaka, H., Krivov, A. V., Inaba, S., Oct. 2010. Planetary
growth with collisional fragmentation and gas drag. Icarus209, 836–847.
Kokubo, E., Ida, S., 2012. Dynamics and accretion of planetesimals. Progress
of Theoretical and Experimental Physics 2012 (1).
URL http://ptep.oxfordjournals.org/content/2012/1/01A308.abstract
46
Kretke, K. A., Levison, H. F., 2014. Challenges in forming the solar system’s
giant planet cores via pebble accretion. The Astronomical Journal 148 (6),
109.
URL http://stacks.iop.org/1538-3881/148/i=6/a=109
Kretke, K. A., Lin, D. N. C., 2007. Grain retention and formation of plan-
etesimals near the snow line in mri-driven turbulent protoplanetary disks.
The Astrophysical Journal Letters 664 (1), L55.
URL http://stacks.iop.org/1538-4357/664/i=1/a=L55
Krijt, S., Ormel, C. W., Dominik, C., Tielens, A. G. G. M., Nov. 2015.
A panoptic model for planetesimal formation and pebble delivery. ArXiv
e-prints.
Kunz, M. W., Lesur, G., Sep. 2013. Magnetic self-organization in Hall-
dominated magnetorotational turbulence. Mon. Not. Roy. Astron. Soc.434,
2295–2312.
Lambrechts, M., Johansen, A., Aug. 2012. Rapid growth of gas-giant cores
by pebble accretion. A&Ap544, A32.
Lambrechts, M., Johansen, A., Dec. 2014. Forming the cores of giant planets
from the radial pebble flux in protoplanetary discs. A&Ap572, A107.
Lazarian, A., Vishniac, E. T., 1999. Reconnection in a weakly stochastic
field. The Astrophysical Journal 517 (2), 700.
URL http://stacks.iop.org/0004-637X/517/i=2/a=700
Lesur, G., Kunz, M. W., Fromang, S., Jun. 2014. Thanatology in protoplane-
tary discs. The combined influence of Ohmic, Hall, and ambipolar diffusion
on dead zones. A&Ap566, A56.
Levison, H. F., Kretke, K. A., Duncan, M. J., Aug. 2015. Growing the gas-
giant planets by the gradual accumulation of pebbles. Nature 524, 322–324.
Lin, D. N. C., Papaloizou, J., Mar. 1979. Tidal torques on accretion discs in
binary systems with extreme mass ratios. Mon. Not. Roy. Astron. Soc.186,
799–812.
Markiewicz, W. J., Mizuno, H., Voelk, H. J., Feb. 1991. Turbulence induced
relative velocity between two grains. A&Ap242, 286–289.
47
Maruyama, S., Ebisuzaki, T., 2016. to be appered in special issues of ”Geo-
science Frontiers” on the origin and early evolution of the Earth and life
on the Hadean Earth.
Masset, F. S., Morbidelli, A., Crida, A., Ferreira, J., 2006. Disk surface
density transitions as protoplanet traps. The Astrophysical Journal 642 (1),
478.
URL http://stacks.iop.org/0004-637X/642/i=1/a=478
Matsumura, S., Pudritz, R. E., Thommes, E. W., 2007. Saving planetary
systems: Dead zones and planetary migration. The Astrophysical Journal
660 (2), 1609.
URL http://stacks.iop.org/0004-637X/660/i=2/a=1609
McCall, B. J., Huneycutt, A. J., Saykally, R. J., Djuric, N., Dunn, G. H.,
Semaniak, J., Novotny, O., Al-Khalili, A., Ehlerding, A., Hellberg, F.,
Kalhori, S., Neau, A., Thomas, R. D., Paal, A., O¨sterdahl, F., Larsson,
M., Nov 2004. Dissociative recombination of rotationally cold H+3 . Phys.
Rev. A 70, 052716.
URL http://link.aps.org/doi/10.1103/PhysRevA.70.052716
Mizuno, H., 1980. Formation of the giant planets. Progress of Theoretical
Physics 64 (2), 544–557.
URL http://ptp.oxfordjournals.org/content/64/2/544.abstract
Nakagawa, Y., Nakazawa, K., Hayashi, C., 1981. GROWTH AND SEDI-
MENTATION OF DUST GRAINS IN THE PRIMORDIAL SOLAR NEB-
ULA. Icarus 45 (3), 517–528.
Nakagawa, Y., Sekiya, M., Hayashi, C., 1986. Settling and growth of dust
particles in a laminar phase of a low-mass solar nebula. Icarus 67 (3), 375
– 390.
URL http://www.sciencedirect.com/science/article/pii/0019103586901211
Okuzumi, S., Jun. 2009. Electric Charging of Dust Aggregates and its Effect
on Dust Coagulation in Protoplanetary Disks. ApJ698, 1122–1135.
Okuzumi, S., Takeuchi, T., Muto, T., 2014. Radial transport of large-scale
magnetic fields in accretion disks. i. steady solutions and an upper limit
on the vertical field strength. The Astrophysical Journal 785 (2), 127.
URL http://stacks.iop.org/0004-637X/785/i=2/a=127
48
Okuzumi, S., Tanaka, H., aki Sakagami, M., 2009. Numerical modeling of the
coagulation and porosity evolution of dust aggregates. The Astrophysical
Journal 707 (2), 1247.
URL http://stacks.iop.org/0004-637X/707/i=2/a=1247
Okuzumi, S., Tanaka, H., Kobayashi, H., Wada, K., 2012. Rapid coagulation
of porous dust aggregates outside the snow line: A pathway to successful
icy planetesimal formation. The Astrophysical Journal 752 (2), 106.
URL http://stacks.iop.org/0004-637X/752/i=2/a=106
Ormel, C. W., Cuzzi, J. N., May 2007. Closed-form expressions for particle
relative velocities induced by turbulence. A&Ap466, 413–420.
Ormel, C. W., Klahr, H. H., Sep. 2010. The effect of gas drag on the growth
of protoplanets. Analytical expressions for the accretion of small bodies in
laminar disks. A&Ap520, A43.
Ormel, C. W., Okuzumi, S., Jul. 2013. The Fate of Planetesimals in Turbulent
Disks with Dead Zones. II. Limits on the Viability of Runaway Accretion.
ApJ771, 44.
Owen, J. E., Ercolano, B., Clarke, C. J., Alexander, R. D., 2010. Radiation-
hydrodynamic models of x-ray and euv photoevaporating protoplanetary
discs. Monthly Notices of the Royal Astronomical Society 401 (3),
1415–1428.
URL http://mnras.oxfordjournals.org/content/401/3/1415.abstract
Paardekooper, S.-J., Nov. 2014. Dynamical corotation torques on low-mass
planets. Mon. Not. Roy. Astron. Soc.444, 2031–2042.
Paardekooper, S.-J., Baruteau, C., Crida, A., Kley, W., Jan. 2010. A torque
formula for non-isothermal type I planetary migration - I. Unsaturated
horseshoe drag. Mon. Not. Roy. Astron. Soc.401, 1950–1964.
Paardekooper, S.-J., Baruteau, C., Kley, W., Jan. 2011. A torque formula for
non-isothermal Type I planetary migration - II. Effects of diffusion. Mon.
Not. Roy. Astron. Soc.410, 293–303.
Paardekooper, S.-J., Papaloizou, J. C. B., Jul. 2008. On disc protoplanet
interactions in a non-barotropic disc with thermal diffusion. A&Ap485,
877–895.
49
Paardekooper, S.-J., Papaloizou, J. C. B., Apr. 2009a. On corotation torques,
horseshoe drag and the possibility of sustained stalled or outward proto-
planetary migration. Mon. Not. Roy. Astron. Soc.394, 2283–2296.
Paardekooper, S.-J., Papaloizou, J. C. B., Apr. 2009b. On the width and
shape of the corotation region for low-mass planets. Mon. Not. Roy. Astron.
Soc.394, 2297–2309.
Pneuman, G., Mitchell, T. P., 1965. Evolution of the solar magnetic field.
Icarus 4 (56), 494 – 505.
URL http://www.sciencedirect.com/science/article/pii/0019103565900266
Pollack, J. B., Hubickyj, O., Bodenheimer, P., Lissauer, J. J., Podolak, M.,
Greenzweig, Y., Nov. 1996. Formation of the Giant Planets by Concurrent
Accretion of Solids and Gas. Icarus124, 62–85.
Poppe, T., Blum, J., Henning, T., Jan. 1999. New experiments on collisions
of solid grains related to the preplanetary dust aggregation. Advances in
Space Research 23, 1197–1200.
Safranov, V. S., 1969. Evolution of the Protoplanetary Cloud and Formation
of the Earth and the Planetss. Nauka, Moscow (translated by Israel pro-
gram for scientific translations, Keter press, Jorusalem. (Also by NASA
TTF-677).
Sano, T., Miyama, S. M., Apr. 1999. Magnetorotational Instability in Proto-
planetary Disks. I. On the Global Stability of Weakly Ionized Disks with
Ohmic Dissipation. ApJ515, 776–786.
Sano, T., Miyama, S. M., Umebayashi, T., Nakano, T., 2000. Magnetorota-
tional instability in protoplanetary disks. ii. ionization state and unstable
regions. The Astrophysical Journal 543 (1), 486.
URL http://stacks.iop.org/0004-637X/543/i=1/a=486
Sato, T., Okuzumi, S., Ida, S., Dec. 2015. On the water delivery to terrestrial
embryos by ice pebble accretion. ArXiv e-prints.
Schrapler, R., Henning, T., 2004. Dust diffusion, sedimentation, and grav-
itational instabilities in protoplanetary disks. The Astrophysical Journal
614 (2), 960.
URL http://stacks.iop.org/0004-637X/614/i=2/a=960
50
Sekiya, M., Jun. 1998. Quasi-Equilibrium Density Distributions of Small
Dust Aggregations in the Solar Nebula. Icarus133, 298–309.
Shakura, N. I., Sunyaev, R. A., 1973. BLACK HOLES IN BINARY-
SYSTEMS - OBSERVATIONAL APPEARANCE. Astronomy & Astro-
physics 24 (3), 337–355.
Shang, H., Shu, F., Lee, T., Glassgold, A., 2000. Protostellar winds and
chondritic meteorites. Space Science Reviews 92 (1-2), 153–176.
URL http://dx.doi.org/10.1023/A%3A1005234909848
Shi, J., Krolik, J. H., Hirose, S., 2010. What is the numerically converged am-
plitude of magnetohydrodynamics turbulence in stratified shearing boxes?
The Astrophysical Journal 708 (2), 1716.
URL http://stacks.iop.org/0004-637X/708/i=2/a=1716
Simon, J. B., Bai, X.-N., Armitage, P. J., Stone, J. M., Beckwith, K., 2013a.
Turbulence in the outer regions of protoplanetary disks. ii. strong accretion
driven by a vertical magnetic field. The Astrophysical Journal 775 (1), 73.
URL http://stacks.iop.org/0004-637X/775/i=1/a=73
Simon, J. B., Bai, X.-N., Stone, J. M., Armitage, P. J., Beckwith, K., 2013b.
Turbulence in the outer regions of protoplanetary disks. i. weak accretion
with no vertical magnetic flux. The Astrophysical Journal 764 (1), 66.
URL http://stacks.iop.org/0004-637X/764/i=1/a=66
Stepinski, T. F., 1998. The solar nebula as a processan analytic model.
Icarus 132 (1), 100 – 112.
URL http://www.sciencedirect.com/science/article/pii/S0019103598958936
Stewart, S. T., Leinhardt, Z. M., 2009. Velocity-dependent catastrophic
disruption criteria for planetesimals. The Astrophysical Journal Letters
691 (2), L133.
URL http://stacks.iop.org/1538-4357/691/i=2/a=L133
Suyama, T., Wada, K., Tanaka, H., Sep. 2008. Numerical Simulation of
Density Evolution of Dust Aggregates in Protoplanetary Disks. I. Head-on
Collisions. ApJ684, 1310–1322.
51
Suyama, T., Wada, K., Tanaka, H., Okuzumi, S., Jul. 2012. Geometric Cross
Sections of Dust Aggregates and a Compression Model for Aggregate Col-
lisions. ApJ753, 115.
Takeuchi, T., Muto, T., Okuzumi, S., Ishitsu, N., Ida, S., Jan. 2012. Induced
Turbulence and the Density Structure of the Dust Layer in a Protoplane-
tary Disk. ApJ744, 101.
Tanaka, H., Takeuchi, T., Ward, W. R., 2002. Three-dimensional interaction
between a planet and an isothermal gaseous disk. i. corotation and lindblad
torques and planet migration. The Astrophysical Journal 565 (2), 1257.
URL http://stacks.iop.org/0004-637X/565/i=2/a=1257
Turner, N. J., Sano, T., Dziourkevitch, N., Apr. 2007. Turbulent Mixing and
the Dead Zone in Protostellar Disks. ApJ659, 729–737.
Udry, S., Santos, N. C., 2007. Statistical properties of exoplanets. Annual
Review of Astronomy and Astrophysics 45 (1), 397–439.
URL http://dx.doi.org/10.1146/annurev.astro.45.051806.110529
Umebayashi, T., Nakano, T., 1981. Fluxes of Energetic Particles and the
Ionization Rate in Very Dense Interstellar Clouds. PASJ33, 617.
Umebayashi, T., Nakano, T., 1988. Chapter 13. Ionization State and Mag-
netic Fields in the Solar Nebula. Progress of Theoretical Physics Supple-
ment 96, 151–160.
Umebayashi, T., Nakano, T., 2009. Effects of radionuclides on the ionization
state of protoplanetary disks and dense cloud cores. The Astrophysical
Journal 690 (1), 69.
URL http://stacks.iop.org/0004-637X/690/i=1/a=69
Wada, K., Tanaka, H., Suyama, T., Kimura, H., Yamamoto, T., 2009. Col-
lisional growth conditions for dust aggregates. The Astrophysical Journal
702 (2), 1490.
URL http://stacks.iop.org/0004-637X/702/i=2/a=1490
Walsh, K. J., Morbidelli, A., Feb. 2011. The effect of an early planetesimal-
driven migration of the giant planets on terrestrial planet formation.
A&Ap526, A126.
52
Walsh, K. J., Morbidelli, A., Raymond, S. N., O’Brien, D. P., Mandell, A. M.,
Jul. 2011. A low mass for Mars from Jupiter’s early gas-driven migration.
Nature 475, 206–209.
Weidenschilling, S., 1977b. The distribution of mass in the planetary system
and solar nebula. Astrophysics and Space Science 51 (1), 153–158.
URL http://dx.doi.org/10.1007/BF00642464
Weidenschilling, S. J., jul 1977a. Aerodynamics of solid bodies in the solar
nebula. Mon. Not. Roy. Astron. Soc.180, 57–70.
Weidenschilling, S. J., Cuzzi, J. N., 1993. Formation of planetesimals in the
solar nebula. In: Levy, E. H., Lunine, J. I. (Eds.), Protostars and Planets
III. pp. 1031–1060.
Wetherill, G., Stewart, G. R., 1989. Accumulation of a swarm of small
planetesimals. Icarus 77 (2), 330 – 357.
URL http://www.sciencedirect.com/science/article/pii/0019103589900936
Whipple, F. L., 1972. On certain aerodynamic processes for asteroids and
comets. In: Elvius, A. (Ed.), From Plasma to Planet. p. 211.
Yamoto, F., Sekiya, M., Jul. 2004. The gravitational instability in the dust
layer of a protoplanetary disk:. axisymmetric solutions for nonuniform dust
density distributions in the direction vertical to the midplane. Icarus170,
180–192.
Youdin, A. N., Lithwick, Y., Dec. 2007. Particle stirring in turbulent gas
disks: Including orbital oscillations. Icarus192, 588–604.
Youdin, A. N., Shu, F. H., Nov. 2002. Planetesimal Formation by Gravita-
tional Instability. ApJ580, 494–505.
53
